Systematic Effects in Measurement of Black Hole Masses by Emission-Line
  Reverberation of Active Galactic Nuclei: Eddington Ratio and Inclination by Collin, Suzy et al.
ar
X
iv
:a
str
o-
ph
/0
60
34
60
v2
  2
4 
M
ar
 2
00
6
Astronomy & Astrophysics manuscript no. Collin c© ESO 2018
July 16, 2018
Systematic Effects in Measurement of Black Hole Masses by
Emission-Line Reverberation of Active Galactic Nuclei:
Eddington Ratio and Inclination
Suzy Collin1, Toshihiro Kawaguchi2, Bradley M. Peterson3, and Marianne Vestergaard4
1 LUTH, Observatoire de Paris, Section de Meudon, F-92195 Meudon Cedex, France
2 Optical and Infrared Division, NAOJ, Mitaka, Tokyo 181-8588, Japan
3 Department of Astronomy, The Ohio State University, 140 West 18th Avenue, Columbus, OH 43210, USA
4 Steward Observatory, University of Arizona, 933 N. Cherry Avenue, Tucson, AZ 85721, USA
Preprint online version: July 16, 2018
ABSTRACT
Context. Scatter around the relationship between central black hole masses in active galactic nuclei (AGNs) obtained by
reverberation-mapping methods and host-galaxy bulge velocity dispersion indicates that the masses are uncertain typically
by a factor of about three.
Aims. In this paper, we try to identify the sources and systematics of this uncertainty.
Methods. We characterize the broad Hβ emission-line profiles by the ratio of their full-width at half maximum (FWHM) to their
line dispersion, i.e., the second moment of the line profile. We use this parameter to separate the reverberation-mapped AGNs
into two populations, the first with narrower Hβ lines that tend to have relatively extended wings, and the second with broader
lines that are relatively flat-topped. The first population is characterized by higher Eddington ratios than the second. Within
each population, we calibrate the black-hole mass scale by comparison of the reverberation-based mass with that predicted by
the bulge velocity dispersion. We also use the distribution of ratios of the reverberation-based mass to the velocity-dispersion
mass prediction in a comparison with a “generalized thick disk” model in order to see if inclination can plausibly account for
the observed distribution.
Results. We find that the line dispersion is a less biased parameter in general than FWHM for black hole mass estimation,
although we show that it is possible to empirically correct for the bias introduced by using FWHM to characterize the emission-
line width. We also argue that inclination effects are apparent only in some small subset of the reverberation-based mass
measurements; it is primarily the objects with the narrowest emission lines that seem to be most strongly affected.
Conclusions. Our principal conclusion is that the Hβ profile is sensitive primarily to Eddington ratio, but that inclination effects
play a role in some cases.
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1. Introduction
During the last twenty years, reverberation mapping
(Blandford & McKee 1982; Peterson 1993) of the broad
emission lines in active galactic nuclei (AGNs) has been
used to determine the size of the broad-line region (BLR)
in these objects. By combining the BLR size with the
emission-line Doppler width, it is possible to estimate the
mass of the central source, presumed to be a black hole
(BH), as
MBH = f
RBLR∆V
2
G
, (1)
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where RBLR is the size of the BLR, ∆V is the emission line
width, and f is a scale factor of order unity that depends
on the structure, kinematics, and inclination of the BLR.
In the cases where multiple emission lines have been ob-
served, it is found that the higher-ionization lines tend to
have shorter response times, or lags τ , and thus arise in re-
gions relatively closer to the central source than the lower-
ionization lines. Moreover, the lines with shorter lags tend
to be broader than those with longer lags, generally con-
sistent with the virial prediction τ = R/c ∝ ∆V −2, pro-
viding a strong argument that eq. (1) is valid (Peterson &
Wandel 1999, 2000, Onken & Peterson 2002; Kollatschny
2003a). In addition, AGNs show a relationship between
BH mass and the host-galaxy bulge velocity dispersion σ∗
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(Gebhardt et al. 2000b; Ferrarese et al. 2001; Onken et al.
2004; Nelson et al. 2004) that is consistent with this same
correlation, the MBH–σ∗ relationship, that is observed in
quiescent galaxies (Ferrarese & Merritt 2000; Gebhardt et
al. 2000a; Tremaine et al. 2002).
Reverberation mapping has also confirmed the ex-
pected relationship between the size of the BLR and the
luminosity of the AGN, which takes the form
RBLR ∝ Lα, (2)
where α ≈ 0.5, but depends somewhat on which luminos-
ity measure is being used and possibly also on which emis-
sion line is used to determine RBLR (Wandel, Peterson,
& Malkan 1999; Kaspi et al. 2000, 2005; Bentz et al.
2006). This radius–luminosity (R–L) relationship is im-
portant not only because it tells us something about the
physics of the emission-line region, but because it also af-
fords an almost trivially simple secondary mass indicator,
since through eq. (2), measurement of the luminosity pro-
vides a surrogate for the otherwise hard-to-measure BLR
radius. It thus becomes possible to easily estimate BH
masses for large samples of AGNs (Wandel et al. 1999;
Vestergaard 2002, 2004; McLure & Jarvis 2002; Kollmeier
et al. 2006; Vestergaard & Peterson 2006). Such studies
have shown, for example, that the BH masses of high-
redshift quasars are very large (Vestergaard 2004; Netzer
2003). At the other extreme, very small BH masses have
been inferred for low-luminosity Seyferts (Greene & Ho
2004; Barth et al. 2005). It has also been found that ap-
plication of luminosity-scaling relationships indicate that
AGNs with small line widths, i.e., narrow-line Seyfert 1
(NLS1) galaxies have relatively small BH masses for their
luminosity. It appears that the ratio of their bolometric lu-
minosity to the Eddington luminosity, which we hereafter
refer to as the “Eddington ratio,” is high, close in fact
to unity. Through accretion-disk modeling, Collin et al.
(2002), Kawaguchi (2003) and Collin & Kawaguchi (2004)
have shown that NLS1s have accretion rates larger than
the Eddington value (although also see Williams, Mathur,
& Pogge 2004).
These results have important physical and cosmologi-
cal consequences (cf. Yu & Tremaine 2003; Kawaguchi et
al. 2004b). It is therefore essential to understand the accu-
racy of the reverberation measurements (primary mass in-
dicators) and their calibration uncertainties as well as the
scaling relationships (secondary mass indicators) based
on them, especially when these are extrapolated beyond
the range over which they were determined, i.e., to much
higher and much lower luminosities, to high redshifts, and
to high and low Eddington ratios. In principle, this could
be achieved through comparison with an independent pri-
mary or secondary mass indicator, though at the present
time there is no other obvious choice beyond the MBH–σ∗
relationship. Indeed, the MBH–σ∗ relationship has been
employed in investigations of AGN BH masses in two dis-
tinct ways, (a) by using measurements of σ∗ to infer a
BH mass to compare with the reverberation-based mass
in an attempt to extract information on the inclination of
the BLR (Wu & Han 2001; Zhang & Wu 2002), and (b)
by normalizing the AGN MBH–σ∗ relationship to that of
quiescent galaxies in order to calibrate the reverberation-
based mass scale by determining a statistical average value
for the scaling factor 〈f〉 (Onken et al. 2004).
Of course, it would be even more desirable to use
reverberation-mapping techniques to obtain a velocity–
delay map that would reveal the kinematics and structure
of the BLR and lead to determination of the central mass.
However, various limitations of the reverberation data ob-
tained to date have precluded this (Horne et al. 2004), but
have nevertheless yielded mean response times for emis-
sion lines and have enabled BH mass estimates through
eq. (1). This apparent simplication entails a price in the
accuracy to which the BH mass can be measured and a
number of ambiguities arise. Among the more challenging
are:
1. What line-width measure gives the most accurate BH
mass? The two commonly used measures are the full
width at half maximum (FWHM) and the second mo-
ment of the emission-line profile σline, which we refer to
as the “line dispersion1.” The ratio of these two mea-
sures varies widely from one AGN to another and, as
discussed below, varies with other AGN spectral prop-
erties. Thus, depending on which measure we select,
we might be introducing a bias in mass estimate that
varies with other AGN parameters.
2. How does one evaluate and interpret the scaling fac-
tor f? It is clear that f should depend strongly on
the inclination for a flattened system (e.g., a rotat-
ing disk), but it may vary with other AGN properties.
Given that we are characterizing the size and velocity
dispersion of the BLR by single numbers, we are sub-
suming a lot of our ignorance of AGN structure into
this single parameter, so interpretation can be difficult
and ambiguous.
In this contribution, we will examine the systematics
of the line-width measures and attempt to identify possi-
ble biases associated with the character of the emission-
line profiles. We will also, in the spirit of an exercise,
assume that the Hβ-emitting component of the BLR is
an azimuthally symmetric, relatively flat structure that
is dominated by rotational motion (i.e., a Keplerian disk).
We will combine this with an isotropic component, a wind
perhaps, and investigate the effects of disk inclination on
the scaling factor f . Our goal is to attempt to disentangle
the different factors which play a role in the determinimg
line profile of AGNs, and therefore in the scale factor and
in the mass determination.
As we noted earlier, we subsume most of our igno-
rance about the BLR structure and kinematics into the
scale factor f and separate it from the “observable” quan-
tity in eq. (1), which we refer to as the “virial product,”
VP = cτ∆V 2/G, which has units of mass and differs from
1 The line dispersion for an emission line σline should not be
confused with the host galaxy bulge velocity disperion σ∗.
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Name JD limits !
cent
d(!
cent
) log L Dlog L FWHM DFWHM sigma Dsigma FWHM DFWHM sigma Dsigma
Mean  mean mean  mean rms rms rms rms
Mrk 335 49156-49338 16.800 4.5000 43.830 0.030 1792.1 3.4300 1380.1 6.3900 1629.0 145.34 917.22 52.010
Mrk 335 49889-50118 12.500 6.0500 43.890 0.020 1678.8 1.8900 1370.9 8.3600 1374.7 356.95 948.42 112.69
PG0026+129 48545-51084 111.00 26.200 45.020 0.060 2543.7 56.100 1738.1 99.960 1718.5 495.48 1773.5 284.90
PG0052+251 48461-51084 89.800 24.300 44.960 0.080 5007.9 73.180 2167.1 29.710 4165.1 380.51 1782.7 86.040
F9 50473-50665 17.400 3.7500 44.250 0.050 5998.9 66.030 2347.4 15.710 6900.7 707.07 3786.9 196.73
Mrk 590 48090-48323 20.700 3.1000 43.870 0.030 2787.9 28.640 1941.6 26.270 1675.2 587.44 789.37 74.150
Mrk 590 48848-49048 14.000 8.6500 43.700 0.050 3729.3 426.22 2168.5 29.660 2565.9 106.36 1934.5 52.330
Mrk 590 49183-49338 29.200 4.9500 43.780 0.030 2743.5 79.030 1967.4 19.430 2114.7 574.52 1250.7 71.770
Mrk 590 49958-50122 28.800 3.9000 43.900 0.070 2500.3 42.500 1879.9 19.450 1979.3 385.70 1201.2 129.99
3C120 47837-50388 38.100 18.300 44.170 0.080 2326.8 47.970 1248.5 21.290 2204.9 185.34 1165.9 50.310
Akn120 48148-48344 47.100 10.350 44.300 0.020 6041.5 34.770 1753.3 6.1900 5536.3 297.23 1958.9 109.01
Akn120 49980-50175 37.100 5.1000 44.170 0.050 6246.2 77.820 1862.1 12.830 5284.5 202.88 1884.1 47.720
Mrk79 47838-48044 9.0000 8.0500 43.710 0.040 5055.6 84.540 2313.6 23.120 5086.0 1435.6 2137.4 375.43
Mrk79 48193-48393 16.100 6.6000 43.790 0.040 4759.9 31.140 2281.2 25.750 4219.0 261.86 1682.5 71.610
Mrk79 48905-49135 16.000 6.1000 43.730 0.040 4765.7 71.170 2311.8 21.260 5251.3 533.46 1853.6 71.720
Mrk79 49996-50220 5.6000 3.4000 43.660 0.030 4137.3 37.460 1939.3 15.610 2786.4 389.92 1882.9 245.75
PG0804+761 48319-51085 146.90 18.850 44.940 0.080 3052.6 37.710 1433.6 18.450 2011.8 845.20 1970.9 104.80
PG0844+349 48319-51085 3.0000 11.200 44.350 0.040 2694.3 58.110 1505.4 14.450 2147.9 612.03 1447.7 78.950
Mrk110 48953-49149 24.300 6.9000 43.740 0.050 1543.2 4.6600 961.54 14.600 1494.2 801.69 1196.4 140.88
Mrk110 49751-49874 20.400 8.4000 43.800 0.060 1658.3 2.5500 953.14 9.8900 1381.1 528.26 1114.7 103.47
Mrk110 50010-50262 33.300 12.450 43.620 0.14 1599.6 39.000 986.79 17.980 1521.4 59.290 754.96 29.460
PG0953+414 48319-50997 150.10 22.100 45.220 0.060 3070.9 27.400 1658.9 31.310 3001.9 397.67 1306.1 143.63
NGC3227 47894-48049 8.2000 6.7500 42.410 0.070 4445.3 134.30 1913.8 71.100 2017.6 173.70
NGC3227 48623-48776 5.4000 11.400 42.360 0.020 5103.3 159.46 2473.4 25.900 5138.0 786.58 1924.9 124.91
NGC3516 47894-48047 6.7000 5.3000 42.880 0.13 5840.1 1975.5 3870.8 28.140 3353.3 309.66 1837.2 115.07
NGC3783 48607-48833 10.200 2.8000 43.260 0.040 3769.6 67.910 1690.7 19.210 3092.8 528.64 1753.3 140.80
NGC4051 50183-50263 5.8000 2.2000 41.930 0.030 1453.0 3.2900 1500.1 34.490 1071.9 112.22 542.61 52.140
NGC4151 49305-49404 3.1000 1.3000 43.050 0.030 6371.2 150.36 2310.6 11.420 4248.5 516.11 1913.6 41.740
PG1211+143 48319-51000 93.800 33.850 44.750 0.070 2012.1 36.650 1486.9 29.580 1316.8 138.08 1080.0 101.81
PG1226+023 48361-50997 306.80 79.700 45.960 0.050 3509.0 36.270 1777.9 17.140 2598.0 298.78 1776.8 150.09
PG1229+204 48319-50997 37.800 21.450 44.080 0.050 3827.8 54.400 1608.2 24.070 3414.5 320.37 1385.1 110.60
NGC4593 47894-48049 1.2000 7.2500 43.090 0.14 5661.0 139.52 2304.8 49.750 3769.0 861.66 1672.8 168.54
PG1307+085 48319-51042 105.60 41.300 44.880 0.040 5058.6 132.66 1963.1 47.200 5058.1 524.23 1819.9 122.09
IC4329A 48643-48832 1.5000 2.2500 43.320 0.050 5964.0 134.27 2271.1 57.750 6431.4 6247.1 2476.2 225.53
Mrk279 50095-50289 16.700 3.9000 43.910 0.040 5354.2 32.130 1822.9 11.160 3385.0 348.89 1420.4 96.280
PG1411+442 48319-51038 124.30 61.350 44.630 0.040 2801.1 43.100 1773.6 28.650 2397.8 353.13 1607.0 168.13
NGC5548 47509-47809 19.700 1.5000 43.560 0.060 4673.9 63.220 1933.7 5.1400 4044.1 199.18 1687.1 55.950
NGC5548 47861-48179 18.600 2.2000 43.430 0.060 5417.5 107.31 2226.9 20.010 4664.1 324.33 1881.8 83.280
NGC5548 48225-48534 15.900 2.7000 43.540 0.040 5236.1 87.360 2205.4 15.510 5775.9 236.78 2074.9 80.700
NGC5548 48623-48898 11.000 1.9500 43.390 0.080 5986.1 95.400 3109.8 53.300 5690.7 163.73 2263.5 87.630
NGC5548 48954-49255 13.000 1.5000 43.520 0.040 5930.5 41.910 2486.3 13.470 2542.7 605.33 1908.8 128.84
NGC5548 49309-49636 13.400 4.0500 43.550 0.050 7378.1 38.710 2877.0 17.130 7202.3 391.89 2894.8 113.75
NGC5548 49679-50008 21.700 2.6000 43.650 0.040 6945.6 78.510 2432.2 12.600 6141.9 289.42 2247.5 133.60
NGC5548 50044-50373 16.400 1.1500 43.590 0.070 6623.0 92.530 2276.4 15.000 5706.1 356.55 2025.7 68.390
NGC5548 50434-50729 17.500 1.8000 43.470 0.050 6298.2 65.410 2178.0 11.610 5541.3 354.03 1922.9 61.640
NGC5548 50775-51085 26.500 3.2500 43.690 0.050 6177.4 35.820 2034.8 10.970 4595.6 504.72 1731.7 75.940
NGC5548 51142-51456 24.800 3.1000 43.640 0.070 6247.3 56.630 2021.2 18.480 6376.6 146.92 1980.3 30.230
NGC5548 51517-51791 6.5000 4.7000 43.410 0.070 6240.2 76.540 2010.1 29.620 5956.8 224.12 1969.1 47.950
NGC5548 51878-52174 14.300 6.6000 43.410 0.050 6478.1 107.75 3111.4 130.71 6246.8 343.15 2172.6 89.090
NGC5548 47212-47360 7.8000 3.3000 43.330 0.050 5556.4 230.04 1895.9 53.780 8047.1 1268.2 3078.4 196.95
PG1426+015 48334-51042 95.000 33.500 44.720 0.070 7112.8 159.80 2905.9 79.800 6322.9 1295.4 3441.7 308.13
Mrk817 49000-49212 19.000 3.8000 43.870 0.060 4711.3 49.410 1984.4 7.5700 3514.7 393.07 1392.2 78.010
Mrk817 49404-49528 15.300 3.6000 43.790 0.040 5236.6 66.620 2097.6 12.620 4952.4 537.06 1970.9 95.520
Mrk817 49752-49924 33.600 7.0500 43.790 0.020 4766.7 71.790 2195.2 16.040 3751.9 994.53 1729.3 158.44
PG1613+658 48397-51073 40.100 15.100 44.980 0.050 9073.8 103.08 3084.5 32.710 7896.6 1791.7 2547.2 341.62
PG1617+175 48362-51085 71.500 31.650 44.480 0.080 6641.3 190.18 2313.3 68.690 4717.9 990.98 2625.6 210.91
PG1700+518 48378-51084 251.80 42.350 45.630 0.030 2252.4 84.980 3160.1 93.140 1846.1 681.87 1700.2 122.89
3C390.3 49718-50012 23.600 6.4500 43.950 0.070 12694 13.450 3743.7 42.370 9957.7 1045.9 3105.2 81.210
Mrk509 47653-50374 79.600 5.7500 44.280 0.080 3014.9 2.2700 1554.5 6.5100 2714.9 101.30 1276.0 28.070
PG2130+099 48382-51084 158.10 24.250 44.460 0.040 2852.7 39.280 1485.0 15.190 2911.7 231.10 1623.5 85.980
NGC7469 50237-50295 4.5000 0.75000 43.720 0.020 1722.1 29.630 1706.9 19.770 2169.2 459.48 1456.3 207.12
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the actual BH mass only by the dimensionless factor f .
In this contribution, we will not concern ourselves with
uncertainties in the virial product, which are generally
∼ 30%. It is the much larger uncertainty in f that will
concern us here.
In the next section, we study the relationship between
FWHM and σline and we show that the ratio of these quan-
tities varies strongly among the objects. We try to under-
stand the cause and the implications of these variations.
By comparing the virial products with the BH masses de-
termined through the MBH–σ∗ relationship, we consider
the relationships among the scale factor, the line-width
ratio FWHM/σline, and the Eddington ratio. In Section
3, we discuss the influence of the inclination of the BLR
on the scale factor. Within the context of our simple
two-component model, we will argue that some objects,
specifically some of those for which FWHM/σline is small,
are likely seen nearly face-on geometry, and consequently
their BH masses could be significantly underestimated. In
Section 4, we speculate on the physical conditions in the
BLR that could explain our results. We conclude with a
summary in Section 5.
2. Normalization of Reverberation Masses: The
Scale Factor f
The fundamental challenge that we need to address is how
to obtain from reverberation data masses that are accu-
rate and unbiased with respect to the various factors, such
as inclination of the BLR, that can affect the value of the
virial product. Given our poor understanding of the struc-
ture and kinematics of the BLR we do not know a priori
what these various factors might be. We do know, how-
ever, that the broad Hβ profiles show marked differences
among AGNs, and it is certainly true that the mass we
adopt for a particular AGN will depend on precisely how
we characterize the width of the line. Thus, our approach
will be necessarily empirical: we will examine various ways
of determining the line-width measure that is used as ∆V
in eq. (1) and attempt to identify systematic effects or
biases.
2.1. Mean and RMS Spectra
In computing reverberation-based masses, it is common
practice to take all of the individual spectra that were
measured to obtain the continuum and emission-line
light curves and construct “mean” and “root-mean-square
(rms)” spectra. The advantage of the rms spectrum over
the mean spectrum is that it isolates the spectral com-
ponents that are actually varying, and automatically re-
moves constant or slowly varying components, such as the
narrow emission lines that arise on much larger physical
scales. The disadvantage of using the rms spectrum is that
it is often quite noisy as the amplitude of spectral vari-
ability is usually rather low. It is consequently not obvi-
ous whether it is better to measure the line width in the
mean or the rms spectrum. We will argue here that use
of the mean spectrum for line-width measurement gives
results consistent with line-width measurements based on
rms spectra, provided that one can account for contam-
inating features, the narrow-line components being most
important in the case of the Balmer lines. This is im-
portant because in using single-epoch spectra and scaling
relationships to estimate BH masses, the variable part of
the emission line cannot be isolated.
2.2. Line-Width Measures: FWHM and σline
We first consider the differences between the FWHM and
the line dispersion σline. The FWHM is a zeroth-order
moment of the profile and the line dispersion is a second-
order moment that is relatively more sensitive to the line
wings and less sensitive to the line core. It is traditional
in AGN studies to use FWHM to characterize line widths.
For determination of BH masses, Wandel et al. (1999) and
Kaspi et al. (2000) used FWHM, but based on a sugges-
tion by Fromerth & Melia (2000), Peterson et al. (2004)
investigated use of the line dispersion and found that it
can be measured to higher precision (i.e., with the smaller
formal uncertainty) than FWHM, especially in noisy spec-
tra, and that the virial relationship τ ∝ ∆V −2 is better
reproduced with σline than with FWHM. From the point
of view of accuracy (i.e., a measurement closest to the true
value), however, it is not clear which is the best line-width
measure to use in eq. (1), and it is that question we take
up here.
The relationship between σline and FWHM depends on
the line profile: it is well-known, for example, that for a
Gaussian profile FWHM/σline = 2(2 ln 2)
1/2 = 2.35. For a
rectangular function, FWHM/σline = 2
√
3 = 3.46, and
a triangular function has FWHM/σline =
√
6 = 2.45.
Similarly, for an edge-on rotating ring, FWHM/σline =
2
√
2 = 2.83. At the lower extreme, FWHM/σline → 0 for
a Lorentzian profile.
Peterson et al. (2004) provide measurements of FWHM
and σline from the rms spectra for all the lines for which
time-delay measurements are available for virtually all of
the reverberation-mapped AGNs (see their Table 6). For
the purpose of comparison, we have measured the Hβ line
widths in the corresponding mean spectra, using the same
algorithms and assumptions of Peterson et al. (2004) and
removing the narrow-line components whenever necessary.
Also, the Hβ profiles in the mean spectra often have strong
contamination in the long-wavelength wing, underneath
the [O III]λλ4959, 5007 lines, by Fe II m42 emission. This
contamination is much weaker in the rms spectra because
Fe II emission seems to be less variable than the Balmer
lines (cf. Vestergaard & Peterson 2005). For this reason,
the σline measurements we use are based on the short-
wavelength side of the line, assuming that line is approxi-
mately symmetric. These measurements, plus the Hβ rms
spectrum measurements from Peterson et al. (2004), are
given in Table 1, and these values will be used throughout
the rest of this paper. Columns (1) and (2) identify the
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AGN and time interval (Julian Date − 2400000) during
which the data were obtained, respectively. Column (3)
gives the cross-correlation function centroid τcent, in days,
which is our preferred measure of the emission-line lag.
Column (4) gives an estimate of the uncertainty ∆τcent,
that is the root mean square of the usually slightly asym-
metric upward and downward uncertainties, again in days.
Columns (5) give the logarithm of the mean optical lumi-
nosity in erg s−1 based on the continuum measurements
made during the interval given in column (2), and col-
umn (6) gives the rms variability of the luminosity during
the same interval. The following columns give the values
and uncertainties all in km s−1 in the rest frame of the
AGN and corrected for the spectrograph resolution, for
FWHM in the mean spectrum (columns 7 and 8), σline in
the mean spectrum (columns 9 and 10), FWHM in the rms
spectrum (columns 11 and 12), and σline in the rms spec-
trum (columns 13 and 14), We note that the optical lumi-
nosity has not been corrected for the host-galaxy starlight
contribution. Therefore, the luminosity and Eddington ra-
tios, especially for the less-luminous objects, are subject
to overestimation on account of starlight contamination.
Some of the values in this Table will be superceded by
work in progress, but since the database is constantly
evolving, we have decided to proceed with the present
data, as our conclusions are not likely to change drasti-
cally by a few more precise measurements.
In Fig. 1, we compare measurements of σline for Hβ
in the mean and rms spectra (left panel) and FWHM
for Hβ in the mean and rms spectra (right panel). Both
FWHM and σline measurements in the rms spectra have
much larger error bars since the rms spectra tend to be
noisy. But we do see that for both line-width measures the
widths of the Hβ line in the mean and rms spectra are well
correlated, though the lines are typically∼ 20% broader in
the mean spectra. This is a well-documented phenomenon
(e.g., Sergeev et al. 1999; Shapovalova et al. 2004). It has
been suggested by Shields, Ferland, & Peterson (1995)
that the highest velocity gas in the BLR is optically thin,
and this could account for the lower level of variability in
the line wings.
In Fig. 2, we compare the virial product based on
σline, equal to cτσ
2
line/G (hereafter VPs), versus the virial
product based on FWHM, equal to cτFWHM2/G (here-
after VPf), for all the datasets in Table 1, except for four
data sets for which the lag uncertainty is very large, with
∆τcent > τcent, i.e., PG 0844+349, NGC 3227, NGC 4593
and IC 4329A. While the virial products based on FWHM
are well-correlated with those based on σline, there is scat-
ter of about a factor of three in each case, reflecting the
broad range of values of FWHM/σline in these datasets
(cf. Fig. 9 of Peterson et al. 2004).
The immediate question now becomes which one of
the line-width measures ought to be used to compute
the BH mass? To investigate this further, we consid-
ered how the line-width ratio FWHM/σline is correlated
with other spectral properties. In Fig. 3, we show for
Hβ FWHM/σline as a function of the line width σline
in both the mean and rms spectra. The results for the
mean and the rms spectrum are quite similar. In both
cases, the ratio has a large dispersion, but FWHM/σline
shows a clear tendency to be smaller than 2.35, the ra-
tio for a Gaussian profile, for narrow-line objects, and
larger than 2.35 for broad-line objects. Fig. 3 tells us
that the broad-line objects have more flat-topped pro-
files, while the narrow-line objects have more extended
wings, relative to a Gaussian; in other words, this ra-
tio correlates with the characteristics of the line profile,
which in turn correlate with other spectral properties as
is sometimes embodied in “Eigenvector 1” from princi-
pal component analysis (e.g., Boroson & Green 1992),
as is well known. We can somewhat arbitrarily sepa-
rate the AGNs into two “populations” based on line-
width ratio, Population 1 with FWHM/σline < 2.35
and Population 2 with FWHM/σline > 2.35. As seen in
Fig. 3, is corresponds very roughly to a division around
σline = 2000km s
−1, which is approximately FWHM =
4000km s−1; our demarcation is thus interestingly remi-
niscent of the division of AGNs by Sulentic et al. (2000)
into a Population A, with FWHM ≤ 4000km s−1, and a
Population B, with FWHM ≥ 4000km s−1. Sulentic et al.
identify Population A, which includes NLS1s, with low BH
mass and high accretion-rate sources, and Population B
with low accretion-rate radio-loud (or pre-/post-cursors of
radio-loud) sources. Apparently the large range of the line-
width ratio FWHM/σline is telling us something important
about the BLR: the line-of-sight kinematics and/or the
BLR structure show a great variety. The inclination can
also play an important role, as will be discussed later.
2.3. Effects Other Than Inclination: The Importance
of NGC 5548
The galaxy NGC 5548 is the best-studied of all
reverberation-mapped AGNs. In Figs. 1 – 3, NGC 5548
appears multiple times as a result of 14 separate years of
intensive optical spectroscopic monitoring first at the Wise
Observatory in 1988 (Netzer et al. 1990) then for 13 con-
secutive years by the International AGN Watch beginning
in late 1989 (Peterson et al. 2002 and references therein).
We see that all the quantities in Table 1 vary with time:
the FWHM in the mean spectrum and σline in both the
mean and the rms spectrum vary by less than a factor of
two, but the FWHM in the rms spectrum varies by up
to a factor of four. Figure 3 shows that FWHM/σline can
also vary by a factor larger than two, and moreover that
it can migrate between our two arbitrarily defined pop-
ulations, as well as those of Sulentic et al. (2000). This
demonstrates clearly that FWHM/σline does not depend
solely on either mass or inclination, as these are constant
over the timescales involved.
An obvious requirement is that the BH mass, or virial
product, must be constant for all the individual datasets
on NGC 5548. In Fig. 4, we show VPs and VPf , as mea-
sured in the mean and rms spectra, as a function of the
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Fig. 3. The Hβ line-width ratio FWHM/σline versus σline
in all the datasets in Table 1. The open and filled circles
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spectra. The large symbols mark the different datasets for
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division at σline = 2000km s
−1. The horizontal line divides
the samples into our Populations 1 (lower) and 2 (upper),
and the vertical line approximates the division of Sulentic
et al. (2000) into Populations A (left) and B (right).
mean luminosity, for 13 NGC 5548 datasets2. In this di-
agram, the optical continuum luminosity has been cor-
rected for host-galaxy contamination by using the value
of the starlight contribution given by Bentz et al. (2006).
Despite the large variations in the value of σline as seen
in Fig. 1, we see that all the measures of VPs in both
the mean and rms spectra are consistent with a constant
value, for masses based on either the mean or rms spec-
tra. The discrepant point is from Year 12 (2000) of the
AGN Watch program (Peterson et al. 2002), which was
the most poorly sampled Hβ light curve in the whole series
and yielded somewhat ambiguous cross-correlation results
(see Fig. 2 of Peterson et al. 2002).
2.4. Comparison with Masses Based on σ∗
Ferrarese & Merritt (2000) and Gebhardt et al. (2000)
showed that a tight relationship exists between the BH
2 We have suppressed the point corresponding to the Wise
Observatory data from 1988 which is not reliable on account
of a variable line-spread function, as noted by Peterson et al.
(2004).
mass MBH and the velocity dispersion σ∗ of the stars
in the bulge of the host galaxy. The galaxies that define
theMBH–σ∗ relationship are nearly all
3 quiescent galaxies
whose BH masses were measured by stellar or gas kine-
matics. It is difficult, but possible, to measure bulge veloc-
ity dispersions in at least the lowest-luminosity AGNs. At
the present time, velocity dispersion measurements have
been published for about 16 AGNs, i.e., almost half of the
reverberation-mapped sample. Onken et al. (2004) plot-
ted the values of VPs versus σ∗ for these objects and ob-
tained a relationship consisent with the quiescent-galaxy
MBH–σ∗ relationship. By making the assumption that the
AGN MBH–σ∗ relationship is identical to that for quies-
cent galaxies, they were able to convert the VPs–σ∗ rela-
tionship to a MBH–σ∗ relationship by determining a sta-
tistical value for the scale factor of eq. (1). Onken et al.
found 〈f〉 = 5.5± 1.8.
Here we will carry out a similar exercise, but for all
four ways of computing the virial product, i.e. VPs and
VPf for both the mean and rms spectra. We compute for
each AGN in the Onken sample an estimate of the BH
mass Mσ∗ in solar masses from the formula of Tremaine
et al. (2002),
logMσ∗ = 8.13 + 4.02 log
(
σ∗/200 km s
−1
)
. (3)
We have excluded two objects with highly uncertain
reverberation-based masses, IC 4329A and NGC 4593,
leaving a sample of 14 objects and 39 datasets (herafter
the “Onken sample”).
In Table 2, we give the average scale factors, computed
as by Onken et al. (2004). We first note that the scale
factor for the entire sample using σline measured the rms
spectra yields a value identical to that obtained by Onken
et al., f = 5.5. We also note that using σline measured
the mean spectra yields f = 3.85, reflecting our earlier
observation that on average σline is ∼ 20% broader in the
mean spectra than in the rms spectra; the scale factor
based on FWHM is only 20% larger for the mean spectra
compared to the rms spectra, however, because FWHM
is typically only about 10% broader in the mean spectra
than in the rms spectra. We see also that VPf/VPs ≈ 4,
as expected since 〈FWHM/σline〉 ≈ 2.
As noted earlier, there is great range in the values of
FWHM/σline and thus the scale factors that we would
compute will be strongly dependent on the value of this
ratio for the objects in the sample. This leads us to com-
pute the scale factors separately, again for all four ways
of computing the virial product, for our two populations,
Population 1 with FWHM/σline < 2.35 and Population 2
with FWHM/σline > 2.35. These values are also given in
Table 2. We have also computed separate scale factors for
Population A (FWHM < 4000 km s−1) and Population B
(FWHM > 4000 km s−1) of Sulentic et al. (2000). There
3 One Seyfert 2 galaxy, NGC 4258, whose BH mass was
measured by megamaser motions (Miyoshi et al. 1995), was
included in the sample of galaxies that defined the MBH–σ∗
relationship.
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f(!line)  df(!line) f(FWHM)   df(FWHM)
   MEAN SPECTRUM
total 3.85 1.15 1.17 0.50
Pop1 4.20 2.09 1.81 1.38
Pop2 3.48 1.09 0.69 0.19
PopA 3.93 1.97 2.12 1.47
PopB 3.75 1.13 0.52 0.13
   RMS SPECTRUM
total 5.49 1.65 1.44 0.49
Pop1 5.36 2.71 2.21 1.22
Pop2 5.66 1.49 0.92 0.27
PopA 6.23 3.47 2.53 1.49
PopB 4.73 1.11 0.81 0.19
Table 2. The scale factors with their uncertainties for the
Onken sample and for two populations (1) separated at
FWHM/σline = 2.35 (Pop1 and Pop2) as explained in the
text and (2) separated at FWHM = 4000 km s−1 (PopA
and PopB) according to Sulentic et al. (2000).
are 9 objects in the Onken sample in Population 1, among
which the 6 objects of Population A are all included. The
6 common objects are NGC 4051, NGC 3783, NGC 7469,
Mrk 110, Mrk 590, and 3C 120. Population B consists of 8
objects, among which the 5 objects of Population 2 are all
included, namely, NGC 4151, NGC 5548, Mrk 817, Akn
120, and 3C 390.3.
The results of this exercise are very revealing: there is
a clear difference between the scale factors of the different
subsets, especially if we compare the objects common to
Populations 1 and A with those common to Populations
2 and B. For VPf , Populations 1 and A have scale factors
larger by a factor of ∼ 3 than those for Populations 2 and
B, both in the mean and rms spectra. This trend does
not exist for VPs; in both the mean and rms spectra, the
scaling factors computed from VPs are consistent with
a constant value. It is clear that the statistics are poor,
and that more objects in the sample are urgently needed.
Nevertheless some conclusions can already be drawn from
these results:
1. Since scale factors based on σline for different pop-
ulations are consistent with a single value, contrary
to the case for scale factors based on FWHM, VPs
is not sensitive to the line profile, the Eddington ra-
tios, inclination, or whatever factors distinguish be-
tween Populations 1 and 2 or A and B, whereas VPf
clearly is affected by these factors. In other words, σline
is a less biased measure of the velocity dispersion than
is FWHM.
2. Use of FWHM as line-width measure and applying
a constant scale factor corresponding to the average
for the whole sample will underestimate the masses of
Populations 1 and A (including NLS1s) and overesti-
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mate the masses of Populations 2 and B. This could
be a contributing factor to why high ratios of bulge-to-
BH masses have been found in NLS1s (Wandel 2001;
Mathur et al. 2001), since the BH masses are based
on FWHM in these works. On the other hand, since it
appears that the FWHM is influenced by some still un-
defined physical parameters to which σline is not sensi-
tive, it could be used as an indicator of whatever these
currently unidentified parameters turn out to be. We
argue below that one unidentified parameter is BLR
inclination, and another is the Eddington ratio.
3. It is possible to correct VPf to obtain an unbiased BH
mass. At the present time, the correction is only ap-
proximate because the uncertainties on the scale fac-
tors are large. According to Table 2, a simple prescrip-
tion is to use f = 2.35 for Population 1 and f = 0.85
for Population 2 for the rms spectrum, and f = 1.5
for Population 1 and f = 0.50 for Population 2 for the
mean spectrum, so the mass4 is given byMBH = fVPf .
But to avoid a discontinuity between these two rather
arbitrarily defined populations, we tentatively suggest
using for the rms spectrum,
f = 2.35 (for (FWHM/σline) ≤ 1.4) (4)
= 3.85− 1.07(FWHM/σline)
(for 1.4 < (FWHM/σline) < 2.8)
= 0.85 (for (FWHM/σline) ≥ 2.8),
and for the mean spectrum,
f = 1.5 (for (FWHM/σline) ≤ 1.4) (5)
= 2.5− 0.71(FWHM/σline)
(for 1.4 < (FWHM/σline) < 2.8)
= 0.5 (for (FWHM/σline) ≥ 2.8).
It is rarely the case, however, that σline measurements
are available, especially in published compilations of
line widths. in such cases, we suggest using for the rms
spectrum,
f = 2.35 (for (FWHM ≤ 2000 km s−1) (6)
= 3.1− 1.5 (FWHM/4000 km s−1)
(for 2000 < FWHM < 6000 km s−1)
= 0.85 (for FWHM ≥ 6000 km s−1),
and for the mean spectrum,
f = 1.5 (for (FWHM ≤ 2000 km s−1) (7)
= 2− (FWHM/4000 km s−1)
(for 2000 < FWHM < 6000 km s−1)
= 0.5 (for FWHM ≥ 6000 km s−1).
For σline-based data, for all AGNs we suggest using the
value f = 5.5, (i.e.,MBH = 5.5VPs) for the rms spectrum,
4 It is perhaps interesting that prior to the actual calibration
of the reverberation-based mass scale by Onken et al. (2004),
it was common to assume f = 0.75 (Netzer 1990; Wandel et
al. 1999; Kaspi et al. 2000) for FWHM-based mass estimates.
as proposed by Onken et al. (2004), and f = 3.85 (i.e.
MBH = 3.85VPs) for the mean spectrum.
2.5. Application of the Scale Factors: A Consistency
Test
In the last section, we provided scaling factors to convert
both VPs and VPf into BH masses. We now apply these
to the entire sample of 35 objects from Table 1.
Figure 5 compares the σline-based masses, computed
using f = 5.5 and f = 3.85 for the rms and mean spectra,
respectively, with the corrected FWHM-based masses in
both the mean and rms spectrum for all the data sets in
the sample. In the upper panels, the FWHM-based masses
are corrected by using eqs. (4) and (5), while in the lower
panels, the corrections are given by eqs. (6) and (7). The
two formulations give very similar results, and the scatter
is reduced compared to Fig. 2, even when only the FWHM
used for the correction. This demonstrates the utility of
using eqs. (6) and (7) to adjust FWHM-based mass esti-
mates when σline is not known.
2.6. Line Width Measures and the Eddington Ratio
The line-width ratio FWHM/σline is of potential impor-
tance as it may trace physical parameters in the inner re-
gions of AGNs. Since we have already pointed out a quali-
tative correlation with Eigenvector 1 properties, which has
been argued to measure the Eddington ratio (e.g., Boroson
2002), it is now of interest to look at this more quantita-
tively. In Fig. 6, we show the line-width ratio FWHM/σline
as measured in the mean spectrum (since it is less noisy
than the rms spectrum) as a function of Eddington ratio,
which has been computed assuming that the bolometric
luminosity is Lbol ≈ 10Lopt (based loosely on Kaspi et al.
2000 and Elvis et al. 1994), and MBH is based on mea-
surements of σline in the rms spectrum, which appears
to yield the most accurate mass estimate (Peterson et al.
2004). The top panel of Fig. 6 shows a clear anticorre-
lation between the line-width ratio FWHM/σline and the
Eddington rate, though with considerable scatter. The de-
pendency of FWHM/σline on Eddington rate is physically
quite plausible as we expect that that the structure and
the dynamics of the BLR, which determine the line profile,
depend on the accretion rate. We note, however, that the
Eddington rates in this figure are somewhat overestimated
because the optical luminosities have not been corrected
for contamination by host-galaxy starlight. At the present
time, it is possible to accurately correct for the host-galaxy
contribution to the luminosity for only a subset of these
AGNs, those observed by Bentz et al. (2006). In the middle
panel of Fig. 6, we show the subset of points from the top
panel for which Bentz et al. provide measurements of the
starlight contribution. In the bottom panel, we show the
points from the middle panel after correction for starlight.
The anticorrelation that is clearly seen in the top panel
appears to have vanished in the middle and bottom pan-
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Fig. 5.Mass estimates based on σline as a line-width measure are plotted versus masses based on FWHM measurements
and adjusted according to eqs. (4) and (5) (upper panels) and to eqs. (6) and (7) (lower panels). The data in the left
panels are based on line widths in the rms spectrum and those based on the mean spectrum are shown in the right
panels. The same four datasets as in Fig. 2 have been suppressed. The straight lines trace the diagonals.
els. This is simply because most the high-Eddington rate
objects are PG quasars which were not observed by Bentz
et al. Given the higher luminosities of these sources, the
starlight corrections are likely to be small so the points
in the lower right of the top panel will have very nearly
the same positions in the bottom panel, thus preserving
the anticorrelation. In the lower panel, we highlight by use
of larger symbols the multiple independent measurements
of NGC 5548. These are dispersed in a direction almost
normal to the anticorrelation seen in the top panel, which
suggests that much of the scatter in this relationship can
be attributed to intrinsic variability. We will discuss this
further in a future paper.
To summarize this section, we have shown that we
can crudely separate AGNs into high Eddington ratio ob-
jects whose spectra are characterized by small values of
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FWHM/σline (Population 1) and low Eddington ratio ob-
jects, which have large values of FWHM/σline (Population
2). We find that σline is an unbiased estimator of the BH
mass, whereas FWHM requires an adjustment for its sen-
sitivity to still undefined physical parameters, likely to be
the Eddington ratio and/or the source inclination. Finally,
we note that FWHM/σline is not correlated with BH mass,
or with luminosity.
3. Influence of the BLR Inclination
Since we observe only the line-of-sight velocity distribu-
tion of the BLR, it is obvious that inclination of the BLR
will play a significant role in the value of the scale factor
except in the unlikely case of an isotropic velocity field.
For instance, Krolik (2001) pointed out that if the BLR
is a thin disk, it would lead to an underestimation of the
mass by one or two orders of magnitude for objects seen at
low inclination To study the influence of the inclination,
it is necessary to have an idea of the structure and the
dynamics of the BLR. In this section, we show that a few
simple but plausible structures can be parameterized in a
common fashion and we explore the effects of inclination
in this context as an exercise.
3.1. Structure and Dynamics of a Rotationally
Dominated BLR
It is often noted that the structure and the dynamics of the
BLR are not known, despite more than thirty years of in-
tense studies. Indeed we only know with certainty, thanks
to reverberation studies, that the region emitting the “low-
ionization lines” like Hβ is gravitationally bound to the
BH (Peterson & Wandel 1999, 2000; Onken & Peterson
2002; Kollatschny 2003a) and more precisely that the bulk
radial velocity is small (Clavel 1991). But it remains true
that we do not know if the BLR is a spherical structure
dominated by turbulent motions, if it includes a wind com-
ponent, or if it is a disk dominated by rotational motions,
There is actually fairly strong evidence for the latter
case in radio-loud AGNs. Based on the ratio of the radio
core flux to the extended radio lobe flux, R, which is re-
lated to the relativistic amplification of the core source
and is large when the object is seen face-on, Wills &
Browne (1986) and Jackson & Browne (1991) found a
lack of broad lines for face-on objects. Also, Vestergaard,
Wilkes, & Barthel (2000) find that the width of the base
of the C IV λ1549 emission line is inversely correlated with
R, suggesting the existence of a largely radial disk wind. In
superluminal objects where the inclination can be derived
quite precisely, Rokaki et al. (2003) have shown that the
line width is anti-correlated with several beaming indica-
tors, and is consistent with a disk structure of the BLR.
Finally, double-peaked profiles of the Balmer lines, though
observed only in a small fraction of radio AGNs, are an-
other suggestion of disk structure (Eracleous & Halpern
1994 and subsequent papers). Such double peaks, more or
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Fig. 6. The line-width ratio FWHM/σline for Hβ in the
mean spectra, versus the Eddington ratio (based on
masses from Peterson et al. 2004) for all the datasets
for the 35 reverberation-mapped objects in Table 1 (top
panel). The middle panel shows the subset of points from
the top panel which can be corrected for the host-galaxy
starlight contribution to the luminosity using values from
Bentz et al. (2006). The bottom panel shows the points
from the middle panel after correction for starlight.
The larger points in the lower panel represent independent
data sets on NGC 5548. Assumptions used in computing the
Eddington ratio are described in the text.
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less pronounced, are characteristics of our Population 2
AGNs.
There is no direct evidence that this picture also ap-
plies to radio-quiet objects, but several observations fit
this model quite well (e.g., see Smith et al. 2005). There is
also indirect evidence which cannot be ignored. A common
view of the BLR is that it consists of a large number of
clouds with high velocities surrounding a central source of
UV–X-ray radiation that photoionizes the clouds and pro-
duces line emission by reprocessing. These clouds should
have a large covering factor, since at least 10% of the cen-
tral X-UV source, and in some cases a larger fraction, has
to be absorbed by the BLR in order to account for the
large measured equivalent widths of the broad lines. On
the other hand, the column density of the clouds is in-
ferred to be high, 1023−24 cm−2. There is actually no ob-
servational limit to the real column density of the clouds,
as a large fraction can stay neutral and unobservable (for
a review, see Collin-Souffrin & Lasota 1988, for example).
The lack of Lyman edges in absorption and of damped
Lyα lines in AGN spectra is difficult to explain in this
context, unless the BLR clouds are not located on the line
of sight to the central source. Such a configuration is nat-
ural in the framework of unified schemes (Antonnucci &
Miller 1985), if the BLR has a disk structure in the same
plane as that of the obscuring “torus” and of the inner
disk. Since for Seyfert 1 galaxies the central continuum is
seen from above at relatively small inclinations to the disk
normal, it would not be absorbed by this BLR disk.
As explained above, the BLR disk must “see” the cen-
tral source, as it must be able to capture a large fraction
of its ionizing photons. We can thus immediately elimi-
nate the possibility that the BLR disk is a thin, flat struc-
ture that is directly illuminated by the central UV–X-ray
source. In this scenario, the central source should have a
large scale height above the disk, of the order the radius
of the BLR disk itself. But we know from the study of
the continuum emission, in particular from the correla-
tions between the UV and X-ray flux variability, that the
UV–X-ray source is located much closer to the BH than
the BLR, typically at distances of 10 to 102RG, where
RG is the gravitational radius, while the distance of the
BLR is of the order of 103 to 104RG. A possible exception
could be the case of low-luminosity AGNs with very broad
double-peaked profiles, where it has bee suggested that the
inner part of the disk might be an inflated ion-supported
torus (cf. §4).
Another possibility is that the surface of the BLR disk
is illuminated indirectly by the central source, which could
occur if its radiation is backscattered by a hot medium
(or corona) located above the BLR disk, as proposed
by Dumont & Collin-Souffrin (1990). This model faces
some difficulties, however, as the hot medium should have
a Thomson thickness at least of the order of unity. In
this case, the variations of the central source would be
smoothed by multiple electron scattering, and the shape
of the observed X-ray continuum would be modified by
absorption and Compton diffusion (Reynolds & Wilms
2000), two predictions that are contradicted by the ob-
servations. However the recent observations of very thick
X-ray winds in some NLS1s (Pounds et al. 2003) and the
suggestion by Gierlinski & Done (2004) and Chevallier et
al. (2005) that the soft X-ray excess is due to the ab-
sorption by a very thick warm absorber, could perhaps
rehabilitate this idea for high accretion-rate objects. But
it cannot be considered as a general solution for the BLR
of all AGNs.
Thus it is unlikely that the BLR disk is a very thin
flat structure entirely dominated by rotation, and other
possibilities must be considered5.
3.1.1. The BLR as a Flared Disk
The required illumination of the BLR implies that the
opening angle of the BLR disk should be large, i.e.,
Ω/4pi ≥ 0.1. In other words, the BLR disk should have
an aspect ratio larger than H/R = 0.1 at the location of
the line-emitting region, where H is the disk thickness at
the radius R. Moreover it should be “flared,” i.e., that H
increases more rapidly than linearly with increasing R.
Such flared disks are predicted in the context of the
“standard model” (Shakura & Sunyaev 1973), and were
invoked by Dumont & Collin-Souffrin (1990) as being the
origin of the low-ionization lines in AGNs. In this case,
the BLR disk should be sustained vertically by a pressure
which is most probably provided by a turbulent velocity
of the order VKepH/R, where VKep is the local Keplerian
velocity at the distance R. In this model, the observed
value of ∆Vobs is given by
∆Vobs ≈ VKep
[
(H/R)2 + sin2 i
]1/2
, (8)
where i is the inclination of the system to our line of sight.
3.1.2. The BLR as a Warped Disk
A configuration which could be invoked for effective il-
lumination of the disk by the central source is a warped
disk structure. Such a structure is observed in the case of
NGC 4258 through the maser spots (Greenhill et al. 1995;
Miyoshi et al. 1995). In this object, the rotation law at the
distance of the megamaser sources is Keplerian, but the
disk is tipped downward by about 10o, which allows more
of the disk surface to be directly exposed to the central
source. Wijers & Pringle (1999) have suggested that simi-
lar warping should arise in AGNs as a response of the disk
to the radiation force from the central source, which can
cause the disk to tilt out of the orbital plane and to pre-
cess. However, NGC 4258 is a low-luminosity AGN, and it
is not clear that this would be the case in more luminous
objects, which in particular would be more sensitive to the
gravitational instability.
5 It is worthwhile recalling that when we speak of a “disk,”
it does not necessarily mean a continuous medium, but could
refer to a clumpy medium made of an ensemble of clouds.
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In this model, the velocity is quasi-Keplerian at any
radius, so ∆Vobs is expressed as
∆Vobs ≈ VKep sin i, (9)
but the inclination i varies with the radius, i.e., with
the particular line under consideration. Another difference
from a flat thin disk is that the line-emitting region ex-
tends over a range of radii, therefore over a range of incli-
nations. There is thus a lower limit of the inclination, ∆i,
while it can be arbitrarily small for a flat disk.
3.1.3. A Two-Component BLR: A Disk and a Wind
In recent years, arguments supporting the presence of disk
winds have won some popularity on account of the ability
of such structures to explain a number of observed phe-
nomena such as X-ray and UV absorption, line emission,
reverberation results, and some differences among Seyfert
galaxies, quasars, broad-line radio galaxies, and the pres-
ence or absence of double-peaked emission-line profiles.
The importance of outflows that are commonly seen in
AGNs as “warm absorbers” in X-rays have been recog-
nized through observations made with XMM-Newton and
Chandra X-Ray Observatory. It has been suspected for a
long time that the BLR has two components, one that is
disk-like and other that is some kind of outflow, probably
a disk wind, either magnetohydrodynamically or radia-
tively driven. The wind scenario also obviates the problem
of having to confine the line-emitting clouds. Key papers
on the topic of disk winds are by Murray & Chiang (1995,
1998) and by Proga & Kallman (2004). In this model, the
broad emission lines are emitted from the base of the disk
winds (see also Elvis 2000).
A plausible configuration is thus a BLR made of two
dynamically distinct components, a disk and a wind. The
velocity dispersion could be written as
∆Vobs ≈
[
α2
(
a2 + sin2 i
)
V 2Kep + β
2V 2out cos
2 i
]1/2
, (10)
where Vout is the outflow velocity, assumed to be normal
to the disk, and α and β are the contributions of the thick
disk and of the wind, respectively.
However, the Vout cos i term in eq. (10) cannot typi-
cally dominate the Hβ line, or the Hβ wing would dis-
play a strong asymmetry due to absorption on the reced-
ing part of the wind located on the far side of the ac-
cretion disk relative to the central source as seen by the
observer. This is however observed in the most extreme ob-
jects of Population A which also show an extended blue
wing in the high-ionization line C IVλ1549 (cf. Sulentic
et al. 2000), or in NLS1s which also show a blue wing in
the [O III]λλ4959, 5007 lines (cf. Zamanov et al. 2002;
Aoki, Kawaguchi, & Ohta 2005; Boroson 2003). So, with
the exception of these very high Eddington ratio objects
(say, with Lbol/LEdd ≥ 0.3), of which we have none in our
Population 1 sample, one can neglect the second term in
eq. (10).
3.1.4. A Simple Parameterization
We see that, to a zeroth approximation, in all these cases
∆Vobs can be represented by the expression,
∆Vobs ≈
(
a2 + sin2 i
)1/2
VKep, (11)
where the parameter a can be identified with H/R or with
Vturbulent/VKep, and it can take a null value in the case of
a warped disk.
If we identify VKep with the virial velocity, the virial
product in this parameterization, which we will call the
“generalized thick disk,” or more simply “thick disk,” even
though we have seen that it can describe other structures,
will be given by
VPthick disk =
RBLR V
2
Kep
G
=
RBLRV
2
obs
G(a2 + sin2 i)
. (12)
3.2. Theoretical Considerations
The ratio of the virial product in the thick disk model
VPthick disk to the virial product in the general case, which
we will call the “isotropic case,” simply because it does not
have cylindrical symmetry, is equal to
A =
VPthick disk
VPisotropic
=
1
a2 + sin2 i
. (13)
The value of the inclination is given as a function of A
in Fig. 7. We see that if the thick disk model is correct,
the virial product computed in the general case could be
strongly underestimated for small inclinations. The gen-
eral relation can even lead to an underestimate of the mass
by a factor of 100 for a = 0.1. Note that we have neglected
any correction due to possible anisotropy of the optical
flux (for instance, the flux emerging from the disk can be
subject to “limb-darkening” effects), or to any obscura-
tion of the BLR. These effects should be small compared
to those we are looking for.
We can compute how many objects would have a given
value of A by assuming that they are distributed at ran-
dom for inclinations i ≤ i0. According to the unified
scheme (Antonucci & Miller 1985), Seyfert 1 nuclei are
not seen edge on, and one can quite reasonably assume
i0 ≈ 45◦, though we have checked that our conclusions
are not qualitatively changed for i0 = 60
◦. The probabil-
ity of seeing an object at an inclination angle i per unit
angle interval is sin i/(1 − cos i0). The number of objects
per unit interval of A is thus
dN
dA
=
1
2(1− cos i0)
(a2 + sin2 i)2
cos i
. (14)
Figure 7 shows the integral of this expression,
i.e., the cumulative fraction of AGNs for which
VPthick disk/VPisotropic is smaller than a given value. For
reasonable values, say 0.1 <∼ a <∼ 0.3, VP could underesti-
mate the mass by as much as one order of magnitude in
a few to several percent of the objects, specifically those
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Fig. 7. The solid curves show the cumulative fraction (left
axis) of AGNs that will have A = VPthick disk/VPisotropic
smaller than the value on the bottom axis for two values of
the parameter a, assuming that the maximum inclination
is 45◦. The dotted lines show the value of A for values of
the inclination (right axis) over the range 0◦ ≤ i ≤ 45◦.
which are seen at small inclinations. It is thus not implau-
sible that a significant fraction of NLS1s, which constitute
only ∼ 10% of the local AGN population, are actually
seen almost “face-on,” and that their Eddington ratio is
consequently strongly overestimated. We elaborate on this
below.
3.3. Comparison with Observations
Some authors (Wu & Han 2001; Zhang & Wu 2002;
McLure & Dunlop 2001) assume that the true BH masses
in AGNs satisfy the MBH–σ∗ relationship and that the
differences between the masses deduced from the stel-
lar velocity dispersion Mσ∗ and the reverberation masses
Mrev are due only to inclination effects. They then pro-
ceed to deduce the inclinations for individual AGNs, based
on the discrepancies between Mrev and Mσ∗. Wu & Han
and Zhang & Wu studied the reverberation-mapped ob-
jects and assumed that the BLR was a thin disk with no
isotropic component of the velocity. McLure & Dunlop
studied a sample of 30 quasars where the BH masses were
estimated using FWHM and the R–L relationship of Kaspi
et al. (2000) and adopted an ad hoc complex (and rather
implausible) disk geometry.
We do not think that it is possible to deduce individ-
ual inclinations in this way. It would be possible only if
there were no intrinsic scatter either in the MBH–σ∗ rela-
tionship or in Mrev; we know from the best-studied AGN,
NGC 5548, that VPs and thus Mrev has an intrinsic scat-
ter of about a factor of three.
Here we take a somewhat different approach with the
goal of testing in a statistical fashion whether inclination
effects might plausibly account for the distribution of dif-
ferences betweenMrev andMσ∗. We compare the observed
distribution of Mσ∗/VP with the theoretical distribution
VPthick disk/VPisotropic of Fig. 7, since these should be
identical to within a scaling constant (that converts VP
to Mrev at i = 0
◦) if inclination alone is responsible for
the discrepancies between Mrev and Mσ∗.
In Fig. 8, we show the cumulative distribution of the
values Mσ∗/VP for the FWHM-based values of the virial
product VPf (left) and the σline-based values VPs (right)
for the Onken sample of 14 objects6. The “offset factor”
in this and subsequent figures is the number by which the
theoreticalMσ∗/VP ratio has been divided to aid in com-
parison of the two distributions. It is related to, but is not
identical to, the scale factor f if the inclination is the sole
cause of the discrepancies between Mrev and Mσ∗, but
is otherwise completely arbitrary. Fig. 8 shows that the
σline- based values Mσ∗/VPs do not match the theoretical
distribution, while on the contrary the FWHM-based val-
ues VPf seem to match the theoretical distribution rather
well at large values ofMσ∗/VPf for a = 0.1. This suggests
that the thick-disk BLR model probably has some merit,
particularly in describing the line core (to which FWHM
is more sensitive), implying that FWHM has some depen-
dence on inclination. However, the poor match of the the-
oretical and observed distributions based on σline implies
that σline is insensitive to source inclination. We speculate
further in §4.
We now consider separately Populations 1 and 2. This
unfortunately exacerbates the problems associated with
small-number statistics, but we find some important dif-
ferences between the two populations that we believe are
enlightening. Figure 9 shows the cumulative distribution
of Mσ∗/VPf for Population 2, although we have actu-
ally relaxed our orginal arbitrary criterion FWHM/σline >
2.35 to FWHM/σline > 2 in order to increase the sample
size. Figure 9 shows that the cumulative distribution is
not well-described by the theoretical curve at large values
of Mσ∗/VPf . We conclude that our generalized thick-disk
model with i < 45◦ is not a good description for this popu-
lation. More specifically, the distribution ofMσ∗/VPf does
not appear to be controlled by inclination angle for this
population.
In contrast, the cumulative distribution of Population
1 shown in Fig. 10 is well-described by the theoreti-
cal curve at large values of Mσ∗/VPf for the case a =
0.1. This figure shows clearly that the few AGNs with
6 Note that for the sake of simplicity, we will restrict the
discussion only to quantities derived from the mean spectra
since these do not differ significantly from those derived from
the rms spectra. Also, in the cases of sources for which multiple
datasets are available, we use an average value of VP so that
each source is counted only once.
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Fig. 9. Cumulative fraction of Mσ∗/VPf for Population
2 objects (expanded to include all objects with
FWHM/σline > 2).
FWHM/σline < 2 seem to fit the theoretical distribution
very well, but the AGNs with 2 < FWHM/σline < 2.35
match the theoretical distribution rather less well.
We conclude that among the sample of AGNs with
small FWHM/σline ratios, the three objects with the low-
est values of Mσ∗/VPf (NGC 4051, Mrk 590 and NGC
7469) are probably actually observed at low inclination.
Although the statistics are very poor, we are led to the
conclusion that the difference in scale factor f (Table 2)
between Population 1/A and Population 2/B is due at
least partly to an inclination effect. According to Fig. 7,
and taking into account the offset factor, these three ob-
jects are probably at inclinations i <∼ 20◦, and their masses
Mrev could be underestimated by factors as large as an or-
der of magnitude.
While some properties of NLS1s can be attributed to
either high Eddington ratios or low inclination, a clear
consensus based on the preponderance of evidence is that
accretion rate is probably the key factor that defines
the NLS1 class (see Boller 2000). While we agree that
some properties of NLS1s, in particular their rapid and
large amplitude X-ray variability, steep X-ray spectra, and
the purported larger fraction of bars in their host galax-
ies (Crenshaw, Kraemer, & Gabel 2003; Ohta, Aoki, &
Kawaguchi, in preparation) can certainly not be explained
only by the inclination, we argue that inclination does play
an important, although not the dominant, role in defining
this class of object. In this context, we point out that
Williams, Mathur, & Pogge (2004) show that not all op-
tically selected NLS1s seem to be high accretion sources;
many have characteristics more typical of broad-line ob-
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jects. These may well be the sources for which inclination
is important.
3.4. Inclinations of Individual Objects
Unfortunately, there is currently no way to measure the
inclination of any AGN BLR to any reasonable accuracy,
and there are few observables that are even good indica-
tors of inclination. Of the seven Population 2 objects in
the Onken sample, estimates are available for only two
AGNs, 3C 390.3 and NGC 4151. The former is one of the
relatively rare strongly double-peaked emitters; the double
peaks are widely regarded as the signature of an inclined
disk in Keplerian rotation. Eracleous et al. (1996), based
on several indicators, conclude that the inclination of the
BLR in this system must be in the range 19 < i < 42◦,
and based on the profile fitting alone, Eracleous & Halpern
(1994) find that i = 24− 30◦. At the very least, this rela-
tively large inclination is consistent with our finding that
3C 390.3 is not a member of Population 1. On the other
hand, it is quite natural to find a relatively large incli-
nation for a powerful FRII radio source like 3C 390.3
that does not show superluminal motion. In the case of
NGC 4151, the deduced inclination ranges from 12–21◦
(Boksenberg et al. 1995) and 18–23◦ (Winge et al. 1999),
to as high as 40◦ (Pedlar et al. 1998) or even 70◦ (Kaiser
et al. 2000). There is thus no clear consensus on the incli-
nation of this system.
There are also few inclination estimates available for
the Population 1 objects. The radio source 3C 120 has a
superluminal jet, and therefore must be seen fairly close
to face-on. Marscher et al. (2002) estimate that the in-
clination of this source must be less than 20◦, which is
consistent with the fact that it is a Population 1 object
and with Fig. 10. In the case of Mrk 110, Kollatschny
(2003b) showed that the variable part of the broad lines
of this bright NLS1 nucleus are redshifted with respect to
the systemic velocity, from which he deduced a “gravita-
tional mass” of 1.4× 108M⊙, larger than the “isotropic”
reverberation mass by almost one order of magnitude, and
requiring an inclination angle i ≈ 19◦. The position of Mrk
110 in Fig. 10 indicates a relatively large inclination angle,
but we have seen that the objects located in this part of
the diagram do not appear to be very sensitive to incli-
nation, and are therefore subject to large uncertainties in
the determination of the inclination.
Popovic´ et al. (2004) attempted to determine inclina-
tions for individual objects by detailed fitting of individual
line profiles. Unfortunately, their model has more free pa-
rameters than observational constraints and these authors
are obliged to impose at least one arbitrary constraint,
which they choose to be the emissivity as a function of
the radius. They generally find quite small inclinations,
but with large uncertainties, and inescapable model de-
pendence.
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3.5. The Influence of Inclination on the Scale Factor
The similarity between the offset factor of 3 found for the
Population1/A objects in Fig. 10 and the mass scale fac-
tor of 2 to 2.5 of this population (Table 2) could give the
impression that the scale factor is determined mainly by
inclination, but this is not the case. If indeed the incli-
nation effect were the principal factor affecting the scale
factor f , then the average ratio would be
〈VPthick disk
VPisotropic
〉 =
∫
A(i) sin i di
1− cos i0 . (15)
Using eq. (13), we obtain
〈VPthick disk
VPisotropic
〉 = 1
2b (1− cos i0) (16)
×
[
ln
(
b+ 1
b+ cos i0
)
+ ln
(
b− cos i0
b− 1
)]
,
where b = (1 + 〈a〉2)1/2 and 〈a〉 is the inclination aver-
aged value of a. For 〈a〉 = 0.1 and i0 = 45◦, we find
〈VPthick disk/VPisotropic〉 = 7.1 (or 4.8 for a = 0.2). This
is larger than the scale factor for Population 1/A, which
means that while the inclination does certainly play a role
in the determining the scale factor f , it is not the domi-
nant source of the differences between Mrev and Mσ∗.
4. Discussion
An obvious question to ask is why the FWHM would be
more dependent on the inclination than the line disper-
sion σline? While a definitive answer is not possible, we
speculate that the line wings, to which σline is relatively
more sensitive, arise primarily in a more-or-less isotropic
component, perhaps in the form of a “disk wind.” The line
core, to which FWHM is more sensitive, might then arise
primarily in a Keplerian disk component, and thus FWHM
would be more sensitive to inclination. Such a scenario
would also account, at least in part, for the smaller val-
ues of FWHM/σline ratios in Population 1 objects, as the
presence of stronger winds in Population 1 would naturally
correspond to higher Eddington ratios than Population 2.
By analogy, we know indeed that hot stars radiating close
to their Eddington limit have strong winds, and there
seems to be an emerging consensus that this is also the
case for quasars accreting at a high Eddington ratio (King
& Pounds 2003, Pounds et al. 2003).
We can further speculate as to how the BLR can dif-
fer between low and high Eddington ratio objects. At
large distances from the center, the disk is self-gravitating
and gravitationally unstable (see Collin & Hure´ 2001).
As a consequence of the gravitational instability, the disk
should be broken into clumps. The fate of these clumps,
and more generally the state of the disk in this region, the
accretion mechanism, and the way angular momentum is
removed, are unknown (e.g., Collin & Kawaguchi 2004),
but we might speculate that the “disk” would be made
of discrete clumps and it seems natural to identify these
clumps with the BLR clouds. The heating of the cloud sys-
tem would be thus provided by the collisions between the
clouds, as suggested also for the molecular torus (Krolik &
Begelman 1988). The larger the gravitational instability,
the larger the heating rate (cf. Lodato & Rice 2004). It is
also probable that a fraction of the clumps constitute the
basis of a wind, which would be more efficient when the
gravitational instability is strong.
Figure 11 displays the ratios RBLR/Rsg versus the
Eddington ratio for the reverberation-mapped sample,
where Rsg is the radius above which the self-gravity of
the disk overcomes the vertical component of the central
gravity. Here Rsg has been computed with a 2D simulation
using real opacities (Hure´ 1998)7 and assuming a viscosity
coefficient α = 0.1. There is a clear correlation between
RBLR/Rsg and the Eddington ratio, with the exception of
the four outliers labeled in the Figure; three are among
the least-luminous AGNs in the sample, so their lumi-
nosity could have been overestimated as mentioned in §2,
and NGC 7469 is the object suspected to have the largest
inclination effect, so its mass could be strongly underesti-
mated, and thus its Eddington ratio be also overestimated.
The radius at which the disk becomes gravitationnally un-
stable is about four times larger than Rsg. Thus, according
to Fig. 11, the BLR lies in the gravitationnally unstable re-
gion in the objects with L/LEdd >∼ 0.1. On the other hand,
objects with low Eddington ratios (L/LEdd <∼ 0.03) have
their BLRs in the gravitationnally stable region. We there-
fore speculate that the BLR of Population 1/A AGNs,
which is gravitationally unstable, is more influenced by the
wind than Population 2/B, thus explaining the difference
in the line profiles and the difference in the FWHM/σline
ratio.
Another possible explanation for why the FWHM/σline
ratio is larger in Population 2/B objects is that the struc-
ture of the inner accretion disk is different in these objects.
Population 2/B includes objects like the broad-line radio
galaxy 3C 390.3, which have strongly double-peaked line
profiles. Chen & Halpern (1989) have suggested that the
inner disk is an inflated ion-supported torus which illumi-
nates the outer line-emitting part of the extended disk. It
is indeed thought that a hot advection dominated accre-
tion flow (ADAF, see Narayan & Yi 1994 and subsequent
works), or more generally a radiatively inefficient accretion
flow (RIAF), is present close to the BH, and that such
structures become increasingly prominent with decreas-
ing Eddington ratio, If the Eddington ratio is small, we
expect that an annular region at relatively small distance
from the BH is heated by the X-rays from the geometri-
cally thick RIAF, giving rise to very broad two-peaked line
profiles. Note however that in this case, the line-emitting
region would be a thin disk, which is very sensitive to the
inclination, contrary to what we have deduced previously.
7 In the course of these computations, we have confirmed
that the analytical formulae for Rsg given by Kawaguchi et
al. (2004a) show consistent results (with systematically larger
values by a factor of ∼ 1.5).
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Fig. 11. The ratio RBLR/Rsg, as described in the text.
The four outliers are objects whose luminosity and
Eddington ratio are probably overestimated (see the text).
If RBLR/Rsg > 4, the BLR is gravitationally unstable.
Finally, Murray & Chiang (1997) argue that a vary-
ing optical depth in outflowing disk winds can explain
the presence of single or double peaked line profiles. In
this scenario, a low optical depth would tend to generate
double-peaked lines while single-peaked profiles are the
result of high optical depths in the wind.
Could a combination of these phenomena (gravita-
tional instability, inflated inner hot disk, wind) which
are all linked with the Eddington ratio, combined with
the influence of inclination, explain the variation of
the FWHM/σline ratio among the AGN population?
Obviously it will be necessary to consider larger samples
of objects for which these two parameters are available in
order to check these different ideas.
5. Summary
In this contribution, we have initiated a study of the re-
lationship between AGN BH masses and other physical
properties of AGNs that can be discerned from broad
emission-line profiles. We have used the ratio of FWHM
to the line dispersion σline to characterize the emission-
line profiles and have shown that this ratio is anticorre-
lated with Eddington ratio and with line widths; broader
emission lines tend to have relatively flat-topped profiles,
and narrower lines have more extended wings. We sepa-
rate AGNs into two populations on the basis of their Hβ
profiles, a Population 1 with FWHM/σline < 2.35 and a
Population 2 with FWHM/σline > 2.35. Not surprisingly,
these two populations overlap strongly with Populations
A and B of Sulentic et al. (2000) which are separated by
FWHM only.
We then make the assumption that AGNs follow the
same MBH–σ∗ relationship as quiescent galaxies and scale
the virial product, the observable parameter, to determine
the statistical value of the scaling factor 〈f〉 of eq. (1) (cf.
Onken et al. 2004). We do this for virial products based
on both σline and FWHM, as measured in both the mean
and rms spectra. We find that, to within the uncertain-
ties, the scaling factor is constant for both Populations 1
and 2 for virial products based on using σline as the line-
width measure. On the other hand, the scaling factors are
significantly different for the two populations if the virial
product is based on FWHM. This means that σline is a
less biased mass estimator than is FWHM. However, we
show that it is possible to remove heuristically the bias
in masses based on FWHM and obtain masses estimates
consistent with those based on σline.
For the 14 objects with measured bulge velocity disper-
sions σ∗, we have compared the black hole mass predicted
by the MBH–σ∗ relationship with the mass determined by
reverberation mapping. By comparing the distribution of
the ratio of these masses with the distribution expected
from a generalized thick disk model of the BLR, we find
statistical evidence that in some small fraction of cases,
the reverberation-based BH masses in Population 1 ob-
jects are underestimated on account of inclination effects.
We find no evidence for inclination effects in Population
2 objects. We speculate that the difference between the
two populations is the relative strength of a disk-wind
component, which is stronger in Population 1. Finally,
we discuss the possible role of self-gravity as the physical
driver controlling the strength of the disk wind. We find
a stronger wind is expected for larger Eddington ratios,
which is consistent with the smaller FWHM/σline ratios
found for Population 1 objects.
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